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Philosophical	
  Note	
  

This	
  school	
  is	
  about	
  early	
  galaxy	
  formation.	
  

However,	
  our	
  knowledge	
  of	
  star	
  formation	
  and	
  

feedback	
  in	
  the	
  early	
  Universe	
  is	
  poor	
  at	
  best.	
  

My	
  approach	
  is	
  therefore	
  to	
  develop	
  models	
  

based	
  on	
  the	
  local	
  Universe,	
  and	
  then	
  ask	
  what	
  

the	
  results	
  imply	
  about	
  early	
  galaxies.	
  



Outline	
  
•  Observing	
  the	
  cold	
  ISM	
  
– H2:	
  proof	
  that	
  nature	
  has	
  a	
  cruel	
  sense	
  of	
  humor	
  
– CO:	
  proof	
  that	
  astronomers	
  are	
  stubborn	
  
bastards	
  

– Density,	
  velocity,	
  and	
  temperature	
  measurement	
  

•  Properties	
  of	
  the	
  cold	
  ISM	
  
– Heating,	
  cooling,	
  and	
  thermodynamics	
  
– Gas	
  dynamics	
  and	
  turbulence	
  
– The	
  virial	
  theorem	
  and	
  gravitational	
  collapse	
  



General	
  Observational	
  Principles	
  

•  Star-­‐forming	
  gas	
  is	
  cold,	
  so	
  observations	
  have	
  

to	
  be	
  in	
  radio,	
  mm,	
  or	
  far-­‐IR	
  

•  Diffuse	
  gas	
  does	
  not	
  emit	
  or	
  absorb	
  

continuum	
  radiation,	
  so	
  we	
  must	
  work	
  with	
  

lines,	
  or	
  with	
  dust	
  mixed	
  with	
  the	
  gas	
  

•  The	
  star-­‐forming	
  ISM	
  is	
  mostly	
  molecular	
  



H2	
  Level	
  Structure	
  



Why	
  We	
  Can’t	
  Observe	
  H2	
  

•  H2	
  is	
  most	
  abundant	
  species,	
  but…	
  

•  Symmetric	
  molecule	
  è	
  no	
  dipole	
  moment	
  è	
  

no	
  ΔJ	
  =	
  1	
  transitions	
  è	
  no	
  emission	
  from	
  J	
  =	
  1	
  

•  Level	
  spacing	
  for	
  quantum	
  rotor	
  varies	
  as	
  	
  	
  	
  	
  	
  	
  

m−1/2,	
  so	
  H2	
  J	
  =	
  2	
  is	
  511	
  K	
  off	
  ground	
  

•  At	
  T	
  =	
  10	
  K,	
  exp(−Tlevel/T)	
  =	
  6	
  ×	
  10−23:	
  very	
  bad!	
  



CO:	
  the	
  Next	
  Best	
  Thing	
  
•  O,	
  C:	
  two	
  most	
  abundant	
  heavy	
  elements	
  

•  CO	
  usually	
  dominant	
  chemical	
  species	
  where	
  

H2	
  is	
  (important	
  exception:	
  low	
  metallicity)	
  

•  CO	
  has	
  non-­‐zero	
  dipole	
  moment	
  è	
  ΔJ	
  =	
  1	
  

transitions	
  occur	
  

•  CO	
  J	
  =	
  1	
  is	
  only	
  5.5	
  K	
  above	
  ground	
  	
  



Quick	
  Review	
  of	
  Two-­‐Level	
  Atoms	
  

•  Tracer	
  species	
  X	
  of	
  density	
  nX	
  with	
  non-­‐
degenerate	
  levels	
  0,	
  1	
  separated	
  by	
  energy	
  E	
  

•  Ambient	
  gas	
  is	
  pure	
  H2	
  at	
  density	
  nH2,	
  temp.	
  T	
  
•  Level	
  populations	
  given	
  by	
  
�
dn1

dt

�

coll. exc.

−
�
dn1

dt

�

coll. de−exc.

−
�
dn1

dt

�

emiss.

= 0

k10e
−E/kTnH2nX,0 − k10nH2nX,1 −A10nX,1 = 0

nX,1

nX,0
= e−E/kT 1

1 + ncrit/nH2

, ncrit = A10/k10



Implications	
  for	
  CO	
  
•  For	
  nH2	
  >>	
  ncrit,	
  population	
  comes	
  to	
  LTE	
  

•  ncrit	
  =	
  (2200,	
  6800)	
  cm−3	
  for	
  CO	
  J	
  =	
  (1,	
  2)	
  

•  For	
  an	
  optically	
  thick	
  cloud,	
  effective	
  value	
  of	
  A10	
  

reduced	
  by	
  photon	
  trapping	
  è	
  lower	
  ncrit	
  

•  Mass-­‐weighted	
  mean	
  density	
  in	
  molecular	
  clouds	
  

>~	
  103	
  cm−3	
  è	
  first	
  few	
  J	
  CO	
  levels	
  close	
  to	
  LTE	
  

NB:	
  molecular	
  data	
  all	
  taken	
  from	
  the	
  Leiden	
  Atomic	
  and	
  Molecular	
  Database	
  
(LAMDA,	
  http://home.strw.leidenuniv.nl/~moldata/)	
  



Mass	
  Inference	
  from	
  CO	
  I	
  

•  For	
  an	
  LTE	
  emitter,	
  
emissivity	
  is	
  Bν(T),	
  
intensity	
  given	
  by	
  

•  Optical	
  depth	
  set	
  by	
  
velocity	
  dispersion	
  
and	
  line-­‐center	
  
optical	
  depth:	
  

Iν =
�
1− e−τν

�
Bν(T )

τν = τν0e
−(ν−ν0)

2/2(ν0σ/c)
2



Mass	
  Inference	
  From	
  CO	
  II	
  

•  Velocity-­‐integrated	
  intensity	
  given	
  by	
  

•  To	
  1st	
  order,	
  if	
  T	
  ~	
  const,	
  WCO	
  measures	
  σ	
  

•  Let	
  n	
  =	
  3M/(4πR3mH2),	
  αvir	
  =	
  2T/U	
  =	
  5σ2R/GM:	
  	
  

WCO =

�
TB,ν dv =

�
TB,ν

c

ν0
dν ≈

�
8 ln τν0σT

Σ =

�
5n

6πGmH2αvirT 2 ln τν0

WCO ≡ XCOWCO



Critical	
  Density	
  Effects	
  

Dotted	
  vertical	
  
lines	
  show	
  ncrit	
  for	
  
each	
  transition	
  



Density	
  Distributions	
  
•  CO	
  nearly	
  symmetric	
  
è	
  low	
  dipole	
  moment,	
  
low	
  A,	
  low	
  ncrit	
  

•  Measuring	
  multiple	
  
species	
  with	
  different	
  
ncrit	
  probes	
  the	
  gas	
  
density	
  distribution	
  

•  Most	
  common	
  
example:	
  HCN	
  J=1	
  

•  Caveat:	
  need	
  to	
  worry	
  
about	
  temperature	
  too	
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2.4. Numerical Models

We utilize the numerical models of Narayanan et al. (2008a)
as a comparison for our observations. We refer the reader to
this work for details on the models, though we summarize the
aspects most relevant to the present study.

In an effort to model the observed SFR–Lmol relations in
galaxies, Narayanan et al. (2008a) coupled three-dimensional
non-LTE radiative transfer calculations with smoothed parti-
cle hydrodynamics (SPH) simulations of galaxies in evolution.
The SPH simulations were calculated utilizing a modified ver-
sion of the publicly available code GADGET-2 (Springel 2005),
including prescriptions for a multi-phase ISM, supernovae pres-
surization of the ISM, and star-formation following a general-
ized (three-dimensional) version of the Kennicutt–Schmidt law
(Springel & Hernquist 2003). Here, we set the index of the
Kennicutt–Schmidt relation to 1.5, which has important conse-
quences in driving the simulated SFR–Lmol relations (Narayanan
et al. 2008a). We additionally include energy feedback from ac-
creting AGNs (Springel et al. 2005), though note that it has
negligible impact on the simulated SFR–Lmol relations.

The molecular line emission properties of the model galaxies
were extracted using the three-dimensional non-LTE radiative
transfer code, Turtlebeach (Narayanan et al. 2006). Turtlebeach
considers both collisional and radiative (de-)excitation in deter-
mining the level populations of a given molecule, and utilizes
Monte Carlo methods for sampling the spatial and frequency
domains. Because the hydrodynamic simulations typically have
a coarser physical resolution than the scale of GMCs, sub-grid
prescriptions for including GMCs as singular isothermal spheres
following a Galactic mass spectrum and mass–radius relation
have been implemented (for details, please see Narayanan et al.
2006, 2008b).

The SPH simulations consist of ∼100 galaxies comprised of
isolated disks as well as gas-rich, binary, 1:1 galaxy mergers.
The structures of the galaxies were initialized following the
Mo et al. (1998) formalism. In order to probe a relatively large
dynamic range of galaxies, the galaxies were initialized with
gas fractions fg[0.2,0.4,0.8] and total (halo) mass ranging from
∼1 × 1012 M# to ∼4 × 1013 M# spaced in four mass bins. The
galaxy mergers were run at a single initial gas fraction and mass
(fg = 0.4 and MDM = 1 × 1012 M#). A key feature of these sim-
ulations is that they include constant Galactic abundances for
HCN and CO, i.e., no chemistry is modeled. These simulations
were shown to accurately recover the observed LIR–HCN(1–0),
LIR–CO(1–0), and LIR–CO(3–2) relations. Furthermore, they
predicted a sub-linear LIR–HCN(3–2) relation, which was sub-
sequently observed by B08. The HCN and CO simulations were
taken from the study of Narayanan et al. (2008a), while HCO+

simulations of gas-rich galaxy mergers were run specifically for
this work.

3. RESULTS

3.1. Correlation Between Molecular Line and Infrared
Luminosities

The molecular gas tracers used in this work span a broad
range of critical densities (ncrit ≡ Aul/Γul) varying between
∼103.3 cm−3 for CO(1–0) and ∼107.7 cm−3 for HCN(3–2)
(Figure 3). Although the critical density of HCN(1–0) is an
order of magnitude larger than that of HCO+(1–0), it is
almost a perfect match to the critical density of HCO+(3–2).
In what follows, we consider the values of ncrit at an assumed
temperature of 30 K, noting that they are roughly constant over

Figure 3. Critical density, ncrit ≡ Aul/Γul, for typical molecular transitions
used to trace molecular gas in galaxies. The critical density is fairly insensitive
to temperature over a wide range. Note that the HCN(1–0) and HCO+(3–2)
transitions have a remarkably close value of critical density, whereas the
critical density of HCO+(1–0) is over one order of magnitude smaller than
that of HCN(1–0). Molecular data come from the Leiden Atomic and Molecular
Database (Schöier et al. 2005).

a broad range of temperatures (20–100 K; see Figure 3). Even
though we use ncrit to guide some of our interpretations, we
caution that molecular gas emission can be observed in gas with
densities less than critical (Evans 1999). Substituting critical
densities with effective densities as defined in Evans (1999)
does not alter our main conclusions.

Assuming that LIR (or LFIR) provides a good estimate of the
SFR and that the molecular line luminosity traces the mass
of molecular gas above a certain density, LIR–L′

mol relations
(or their surface density equivalent) are commonly interpreted
and/or used to derive universal SFR prescriptions. In this sec-
tion, we present relationships between galaxy infrared luminos-
ity and the luminosity of various molecular lines. We compute
the slope (β) between log(LIR) and the molecular line lumi-
nosity of CO(1–0), HCO+(1–0), HCO+(3–2), HCN(1–0), and
HCN(3–2) (Figure 4). When available, we compute the slope
for the combined sample (solid lines). However, observations for
the HCO+(1–0) and HCO+(3–2) transitions are only available
for the GC08 sample (open symbols). The latter sample com-
prises fewer galaxies and is biased toward higher infrared lu-
minosities, resulting in derived slopes (dashed lines) with much
larger uncertainties. Galaxies hosting an AGN (blue triangles)
occupy the bright end of LIR but appear to follow the same rela-
tionship as the rest of the sample. Molecular line non-detections
are shown with arrows but are not included when computing the
slope (β) or the Pearson correlation coefficient (r).

All slopes are computed using the LINMIX IDL routines
from Kelly (2007). In these routines, the distributions of inde-
pendent variables are modeled as a mixture of Gaussian func-
tions, which allows for greater flexibility when computing the
true distributions of these variables (i.e., without measurement
errors) given the observations. Using a Bayesian statistical ap-
proach, the likelihood distribution function is computed and
then integrated over the entire data set. This method offers

Critical	
  density	
  versus	
  gas	
  
temperature	
  for	
  several	
  lines	
  
(Juneau+	
  2009)	
  	
  



Velocity	
  and	
  Temperature	
  

•  To	
  measure	
  velocity:	
  
observe	
  in	
  an	
  optically	
  
thin	
  species,	
  e.g.	
  using	
  a	
  
rare	
  isotope	
  (13CO	
  or	
  
C18O	
  in	
  place	
  of	
  CO)	
  

•  To	
  measure	
  
temperature:	
  use	
  a	
  
species	
  with	
  a	
  particular	
  
level	
  structure,	
  shown	
  at	
  
right	
  (e.g.	
  NH3)	
  

A
nn

u.
 R

ev
. A

st
ro

. A
st

ro
ph

ys
. 1

98
3.

21
:2

39
-2

70
. D

ow
nl

oa
de

d 
fr

om
 w

w
w

.a
nn

ua
lre

vi
ew

s.o
rg

by
 U

ni
ve

rs
ity

 o
f C

al
ifo

rn
ia

 - 
Sa

nt
a 

C
ru

z 
on

 1
2/

21
/1

2.
 F

or
 p

er
so

na
l u

se
 o

nl
y.

Level	
  diagram	
  for	
  NH3	
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  &	
  
Townes	
  1983)	
  



Example	
  Milky	
  Way	
  Data	
  

Position-­‐velocity	
  data	
  in	
  12CO	
  and	
  13CO	
  in	
  the	
  Perseus	
  cloud,	
  from	
  the	
  
COMPLETE	
  survey	
  (Ridge+	
  2006)	
  



Example	
  Nearby	
  Galaxy	
  Data	
  
2842 LEROY ET AL. Vol. 136

Figure 45. Atlas of data and calculations for NGC 5055.

Leroy+	
  2008	
  



Observed	
  Cloud	
  Properties	
  

•  Observationally-­‐inferred	
  properties	
  of	
  gas	
  associated	
  

with	
  star	
  formation	
  

–  Very	
  cold:	
  ~10	
  K	
  in	
  normal	
  galaxies,	
  at	
  most	
  <	
  100	
  K	
  in	
  

starbursts	
  

–  Very	
  dense:	
  column	
  density	
  N	
  >~	
  1022	
  cm−2;	
  volume	
  

density	
  n	
  >~	
  100	
  cm−3,	
  higher	
  in	
  starbursts	
  and	
  at	
  high	
  z	
  

–  Very	
  supersonic:	
  typical	
  velocity	
  dispersion	
  ~	
  5	
  –	
  50	
  km	
  s−1	
  

~30	
  –	
  300	
  times	
  sound	
  speed	
  



Gas	
  Thermodynamics	
  

•  Heating	
  processes:	
  
– Adiabatic	
  compression	
  /	
  viscous	
  dissipation	
  
– EUV	
  ionization	
  /	
  FUV	
  photoelectric	
  heating	
  
– Cosmic	
  ray	
  /	
  x-­‐ray	
  heating	
  

•  Cooling	
  processes	
  
– Adiabatic	
  expansion	
  
– Atomic	
  and	
  molecular	
  lines	
  



Adiabatic	
  /	
  Viscous	
  Heating	
  
(and	
  Cooling)	
  

•  Consider	
  material	
  at	
  density	
  ρ	
  
•  Natural	
  timescale	
  for	
  motions	
  induced	
  by	
  
gravity,	
  or	
  at	
  virial	
  velocity,	
  is	
  tdyn	
  ~	
  (Gρ)−1/2	
  

•  Heating	
  rate	
  per	
  atom:	
  
Γ ∼ −Pµ

d

dt

�
1

ρ

�
∼ µc2s

�
4πGρ

∼ 10−29n1/2
2 T1 erg s−1

T1	
  =	
  T	
  /	
  10	
  K	
  n2	
  =	
  n	
  /	
  100	
  cm−3	
  



Ionization	
  /	
  Photoelectric	
  Heating	
  

•  N	
  ~	
  1022	
  cm−2,	
  σpi-­‐thresh	
  =	
  6	
  ×	
  10−18	
  cm−2	
  è	
  for	
  

ionizing	
  photons	
  τ	
  ~	
  6	
  ×	
  104	
  è	
  no	
  ionization	
  

•  Grain	
  PE	
  heating	
  dominated	
  by	
  ~1000	
  Å	
  

photons,	
  σdust	
  ~	
  10−21	
  cm−2	
  at	
  Z	
  =	
  Z¤,	
  	
  

Γ ∼ 1× 10−30JFUVe
−τdust/10 erg s−1

NσdustFUV	
  field	
  normalized	
  to	
  solar	
  
neighborhood	
  value	
  



Cosmic	
  Ray	
  /	
  X-­‐Ray	
  Heating	
  

•  CRs	
  and	
  x-­‐rays	
  can	
  penetrate	
  high	
  columns	
  

•  Heating	
  processes:	
  

	
  

•  Heating	
  rate:	
  

H2 +CR → H
+
2 + e− +CR

e− +H2 → 2H + e− e− +H2 → H
∗
2 + e−

H
∗
2 +H2 → 2H2

H+
2 +H2 → H+

3 H

H+
3 +CO → HCO+ +H2

HCO+ + e− → CO+H

ΓCR ∼ 10−27ζ erg s−1

CR	
  /	
  x-­‐ray	
  ionization	
  rate	
  normalized	
  
to	
  Solar	
  neighborhood	
  value	
  



CO	
  Line	
  Cooling	
  
•  CO	
  molecule	
  is	
  a	
  quantum	
  rotor	
  

•  Most	
  low	
  J	
  photons	
  trapped,	
  few	
  high	
  J	
  
photons	
  emitted	
  due	
  to	
  e-­‐E/kT	
  è	
  cooling	
  
dominated	
  at	
  intermediate	
  J	
  ~	
  5	
  

•  For	
  J	
  =	
  5,	
  	
  

EJ = hBJ(J + 1) AJ+1,J =
512π4B3µ2

3hc3
(J + 1)4

2J + 1

ΛJ = xCO(2J + 1)
e−EJ/kBT

Z(T )
AJ,J−1(EJ − EJ−1)

CO	
  abundance	
   Partition	
  function	
  

Rotation	
  constant	
  B	
  =	
  57	
  GHz	
  

Dipole	
  moment	
  μ	
  =	
  0.112	
  D	
  

Λ ≈ 10−27e−8.3/T1 erg s−1



Thermodynamic	
  Conclusions	
  
•  Collecting	
  formulae	
  in	
  one	
  place:	
  
	
  

•  CR,	
  CO	
  dominant	
  for	
  n	
  <~	
  104	
  cm−3	
  (dust-­‐gas	
  
collisions	
  start	
  to	
  matter	
  above	
  this	
  density)	
  

•  Heat	
  released	
  by	
  compression	
  lost	
  ~	
  instantly	
  
•  Equilibrium	
  T	
  ~	
  10	
  K,	
  very	
  hard	
  to	
  change	
  

Γad ∼ 10−29n1/2
2

T1 erg s−1

ΓPE ∼ 10−30JFUVe
−τdust/10 erg s−1

ΓCR ∼ 10−27ζ erg s−1

ΛCO ∼ 10−27e−8.3/T1 erg s−1



Parameter	
  Space	
  Survey	
  of	
  T	
  

Krumholz,	
  
Leroy,	
  &	
  
McKee	
  
(2011)	
  



Gas	
  Dynamics	
  

•  Since	
  Γad	
  <<	
  ΓCR	
  ~	
  Λline,	
  gas	
  can	
  be	
  

approximated	
  as	
  isothermal	
  

•  To	
  understand	
  behavior,	
  estimate	
  

dimensionless	
  numbers	
  using	
  characteristic	
  

values:	
  L	
  ~	
  100	
  pc,	
  V	
  ~	
  10	
  km	
  s−1,	
  B	
  ~	
  10	
  μG	
  



Equations	
  of	
  Motion	
  

Viscosity	
  

Resistivity	
  
tensor	
  

Pressure	
  P	
  =	
  ρcs2	
  

Gravitational	
  
potential	
  

To	
  order	
  of	
  magnitude,	
  	
  ∇ → 1/L, (∂/∂t) → L/v

−




∇ · (ρv)

∇ · (ρvv) +∇P − 1
4π (∇×B)×B+ ρ∇φ− ρν∇2v

∇× (B× v + η : ∇×B





∂

∂t




ρ
ρv
B



 =



Mach	
  Number(s)	
  

∇ · (ρvv) +∇P − 1

4π
(∇×B)×B+ ρ∇φ− ρν∇2v

ρ
V 2

L
+ ρ

c2s
L

+
B2

L
+ ρν

V

L2

MA =
V

B/
√
4πρ

=
V

vA
∼ 1M =

V

cs
� 1



Low	
  vs.	
  High	
  Alfvén	
  Mach	
  Number	
  

Simulations	
  of	
  3D	
  MHD	
  turbulence	
  with	
  MA	
  ~	
  1	
  (left)	
  and	
  MA	
  >>	
  1	
  (right)	
  (Jim	
  
Stone,	
  Princeton)	
  



Reynolds	
  Number(s)	
  
∇ · (ρvv) +∇P − 1

4π
(∇×B)×B+ ρ∇φ− ρν∇2v

ρ
V 2

L
+ ρ

c2s
L

+
B2

L
+ ρν

V

L2

∇× (B× v + η : ∇×B)

BV

L
+ η

B

L2

Re =
LV

ν

∼ LV

2csλmfp

∼ 109 Rm =
LV

η
∼ 50



Dynamical	
  Conclusions	
  

•  M	
  >>	
  1,	
  so	
  pressure	
  forces	
  unimportant	
  on	
  
large	
  scales,	
  shocks	
  inevitable,	
  bulk	
  kinetic	
  
energy	
  >>	
  thermal	
  energy	
  

•  MA	
  ~	
  1,	
  so	
  magnetic	
  forces	
  non-­‐negligible	
  
•  Rm	
  >	
  1,	
  so	
  ideal	
  MHD	
  is	
  an	
  ok	
  approximation,	
  
but	
  breaks	
  down	
  on	
  small	
  scales	
  

•  Re	
  >>	
  1,	
  so	
  gas	
  is	
  extremely	
  turbulent	
  



Why	
  Re	
  Matters	
  

Re	
  =	
  0.05	
   Re	
  =	
  10	
   Re	
  =	
  200	
   Re	
  =	
  3000	
  



Turbulence:	
  Power	
  Spectra	
  

Power	
  spectrum	
  of	
  10	
  cm	
  air	
  jet	
  in	
  
laboratory	
  (J.	
  Fluid.	
  Mech.,	
  F.	
  H.	
  
Champagne,	
  1978)	
  

Power	
  spectrum	
  of	
  atmospheric	
  
turbulence	
  (G.	
  Chanan,	
  UC	
  Irvine)	
  



Velocity	
  dispersion	
  vs.	
  beam	
  size	
  in	
  the	
  Polaris	
  Flare	
  cloud	
  
(Ossenkopf	
  &	
  Mac	
  Low	
  2002)	
  

Linewidth-­‐Size	
  Relation	
  

σ	
  =	
  cs	
  (l /	
  ls)1/2	
  	
  



LWS	
  Relation	
  vs.	
  Power	
  Spectrum	
  

•  Consider	
  medium	
  with	
  P(k)	
  ~	
  kn;	
  consider	
  
region	
  of	
  size	
  L,	
  wavenumber	
  k(L)	
  =	
  2	
  π	
  /	
  L	
  

•  Total	
  power	
  from	
  power	
  spectrum	
  is	
  

•  But	
  we	
  must	
  also	
  have	
  
•  Conclusion:	
  
•  For	
  supersonic	
  turbulence	
  n	
  =	
  −2,	
  σ	
  ~	
  L1/2	
  

Ptot =

� ∞

k(L)
P (k) dk ∝ k(L)n+1 ∝ L−n−1

Ptot ∝ σ2

σ ∝ L−(n+1)/2



The	
  Virial	
  Theorem:	
  Sketch	
  
(proof	
  following	
  McKee	
  &	
  Zweibel	
  1992)	
  

•  Start	
  with	
  conservation	
  laws	
  
	
  
•  Rewrite	
  in	
  tensorial	
  form	
  

•  Write	
  down	
  moment	
  of	
  inertia,	
  differentiate	
  
once,	
  use	
  mass	
  conservation	
  to	
  simplify	
  

•  Differentiate	
  again,	
  use	
  momentum	
  
conservation	
  to	
  simplify	
  

∂
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�
ρ
ρv

�
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�
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∇ · (ρvv) +∇P − 1
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�
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�
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−
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2 I
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∂ρ

∂t
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∂V
(ρvr2) · dS+ 2

�

V
ρv · r dV



The	
  Virial	
  Theorem	
  

Kinetic	
  and	
  thermal	
  energy:	
  
opposes	
  collapse	
  

Surface	
  pressure,	
  ram	
  
pressure:	
  promotes	
  collapse	
  

Magnetic	
  pressure	
  +	
  
surface	
  tension:	
  (usually)	
  
opposes	
  collapse	
  

Self-­‐gravity:	
  promotes	
  
collapse	
  

1

2
Ï = 2(T − TS) +M+W − 1

2

d

dt

�

∂V
(ρvr2) · dS

T =

�

V

�
1

2
ρv2 +

3

2
P

�

TS =

�

S
r ·TS · dS

M =
1

8π
B2 dV +

�

∂V
r ·TM · dS

W = −
�

V
ρr ·∇φ dV



Gravity	
  vs.	
  Magnetic	
  Fields	
  

LOS	
  magnetic	
  field	
  vs.	
  
column	
  density	
  for	
  a	
  
sample	
  of	
  clouds	
  for	
  a	
  
sample	
  of	
  OH	
  and	
  CN	
  
Zeeman	
  splitting	
  
measurements	
  
(Crutcher+	
  2008)	
  



Gravity	
  vs.	
  Turbulence	
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Figure 3. Histograms of the physical properties of molecular clouds. In the top two panels, the solid line indicates the best fit to the radius and mass spectra.

mass and number) have virial parameters <1. This analysis
thus suggests that most of the molecular mass contained in
identifiable molecular clouds is located in gravitationally bound
structures.

6.3. Number Density and Surface Mass Density

The bottom left panel shows the mean density of H2 in
our sample of 750 molecular clouds, the median of which is
231 cm−3. This value is well below the critical density of the
13CO J = 1 → 0 transition, ncr = 2.7×103 cm−3, suggesting
that the gas with density n > ncr is not resolved by a 48′′ beam
(0.25 pc at d = 1 kpc), and that its filling factor is low.

The bottom right panel shows the surface mass density of the
molecular clouds, with a median of 144 M% pc−2. Using the
Galactic gas-to-dust ratio 〈NH /AV 〉 = 1.9×1021 cm−2 mag−1

(Whittet 2003), this corresponds to a median visual extinction
of 7 mag. This value is consistent with the prediction from
photoionization dominated star formation theory (McKee 1989).
A median surface mass density of 140 M% pc−2 is lower than
the median value of 206 M% pc−2 derived by Solomon et al.
(1987) based on the virial masses of a sample of molecular

clouds identified in the 12CO UMSB survey. Note that Solomon
et al. (1987) originally found a median surface mass density of
170 M% pc−2, assuming that the distance from the sun to the
Galactic center is 10 kpc. Assuming a Galactocentric radius of
8.5 kpc for the sun, this value becomes 206 M% pc−2 (Heyer et al.
2009). The median surface density derived here is also higher
than the value of 42 M% pc−2 derived by Heyer et al. (2009),
who re-examined the masses and surface mass densities of the
Solomon et al. (1987) sample using the GRS and a method
similar method to ours. Similar to our analysis, Heyer et al.
(2009) estimated the excitation temperature from the 12CO line
emission and derived the mass and surface density from 13CO
GRS measurements and the excitation temperature.

For the Solomon et al. (1987) molecular cloud sample, Heyer
et al. (2009) found a median surface density of 42 M% pc−2

using the area A1 (the 1 K isophote of the 12CO line) defined
by Solomon et al. (1987) to compute masses and surface mass
densities. However, computing surface mass densities within the
half power 12CO isophote (A2) yields a median surface mass
density close to 200 M% pc−2 (see Figure 4 of Heyer et al. 2009).
It is thus likely that the discrepancy between the surface densities

Virial	
  ratio	
  
distribution	
  
in	
  Milky	
  Way	
  
GMCs	
  
(Roman-­‐
Duval+	
  2010)	
  



Implications	
  of	
  the	
  VT	
  
•  Observed	
  magnetic	
  fields	
  (slightly)	
  too	
  weak	
  
to	
  prevent	
  collapse:	
  M	
  <	
  |W|	
  	
  

•  On	
  large	
  scales	
  2T ≈ |W|	
  (equivalent	
  to	
  αvir	
  ~	
  
1),	
  so	
  no	
  collapse	
  

•  However,	
  T is	
  mostly	
  bulk	
  motion,	
  which	
  
diminishes	
  on	
  small	
  scales	
  (LW-­‐size	
  relation)	
  

•  Only	
  thermal	
  pressure	
  can	
  prevent	
  small-­‐
scale	
  collapse	
  



Thermal	
  Pressure	
  vs.	
  Gravity	
  
•  Consider	
  isothermal	
  sphere	
  of	
  mass	
  M,	
  radius	
  
R,	
  sound	
  speed	
  cs,	
  surface	
  pressure	
  Ps,	
  at	
  rest;	
  
no	
  B	
  field	
  or	
  turbulence	
  

•  VT	
  for	
  this	
  object	
  reads	
  

•  Condition	
  for	
  LHS	
  to	
  vanish	
  is	
  

•  If	
  Ps	
  exceeds	
  this	
  value,	
  cloud	
  contracts	
  

1

2
Ï =

3

2
Mc2s − 4πR3Ps − a

GM2

R

Ps =
1

4πR3

�
3

2
Mc2s − a

GM2

R
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The	
  Bonnor-­‐Ebert	
  Mass	
  
•  Ps(R)	
  has	
  a	
  maximum	
  at	
  finite	
  R	
  

•  If	
  Ps	
  >	
  Ps,max	
  	
  collapse	
  is	
  inevitable	
  

•  Can	
  equivalently	
  write	
  in	
  terms	
  of	
  mass:	
  

•  In	
  GMCs	
  in	
  nearby	
  galaxies,	
  Ps/kB	
  ≈	
  106	
  K	
  cm−3,	
  cs	
  
≈	
  0.2	
  km	
  s−1	
  è	
  MBE	
  ≈	
  0.4	
  M¤ 

•  Outside	
  GMCs,	
  Ps/kB	
  ≈	
  104	
  K	
  cm−3,	
  cs	
  ≈	
  8	
  km	
  s−1	
  è	
  
MBE	
  ≈	
  107	
  M¤	
  

Ps,max =
37c8s

214πa3G3M2

MBE = 1.18
c4s√
G3Ps

= 1.18
c3s�
G3ρ



Implications	
  for	
  	
  
Star	
  Formation	
  

Krumholz,	
  Leroy,	
  &	
  McKee	
  2011	
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Nevertheless, the differences between the star formation histories
of the clouds simulated in these four runs are relatively small, despite
the significant differences that exist in the chemical make-up of the
clouds. The presence of H2 and CO within the gas appears to make
only a small difference in the ability of the cloud to form stars.
Furthermore, the fact that a cloud that does not form any molecules
is not only able to form stars, but does so with only a short delay
compared to one in which all of the hydrogen and a significant
fraction of the carbon is molecular is persuasive evidence that the
formation of molecules is not a prerequisite for the formation of
stars.

Examination of the nature of the stars formed in these four sim-
ulations is also informative. Naively, one might expect that in the
absence of molecular cooling, or more specifically CO cooling, the
minimum temperature reached by the star-forming gas would be
significantly higher. If so, then this would imply that the value of
the Jeans mass in gas at this minimum temperature would also be
significantly higher. It has been argued by a number of authors (e.g.
Jappsen et al. 2005; Larson 2005; Bonnell, Clarke & Bate 2006) that
it is the value of the Jeans mass at the minimum gas temperature in
a star-forming cloud that determines the characteristic mass in the
resulting initial mass function (IMF). Following this line of argu-
ment, one might therefore expect the characteristic mass to be much
higher in clouds without CO. However, our results suggest that this
is not the case. In runs C, D1 and D2, the mean mass of the stars that
form is roughly 1–1.5 M! (Fig. 1, bottom panel) and shows no clear
dependence on the CO content of the gas. Indeed, the mean mass
is slightly lower in run C, which has no CO, than in run D2, which
does. The mean stellar mass that we obtain from these simulations
is slightly higher than the characteristic mass in the observation-
ally determined IMF, which is typically found to be somewhat less
than a solar mass (Chabrier 2001; Kroupa 2002). However, this is
a consequence of our limited mass resolution, which prevents us
from forming stars less massive than 0.5 M!, and hence biases our
mean mass towards higher values. (We return to this point in Sec-
tion 3.3.) In run B, we again find a greater difference in behaviour,
but even in this case, the mean stellar mass remains relatively small,
at roughly 2 M!. It therefore appears that the presence or absence
of molecules does not strongly affect either the star formation rate
of the clouds or the mass function of the stars that form within them.

Conspicuous by its absence from our discussion so far has been
run A, the run in which we assumed that the gas remained optically
thin throughout the simulation. In this run, we find a very different
outcome. Star formation is strongly suppressed, and the first star
does not form until t = 7.9 Myr, or roughly three global free-fall
times after the beginning of the simulation. The results of this run
suggest that it is the ability of the cloud to shield itself from the
effects of the ISRF, rather than the formation of molecules within
the cloud, that plays the most important role in regulating star
formation within the cloud (cf. Krumholz, Leroy & McKee 2011).

3.2 Thermal and chemical state of the gas

3.2.1 Temperature distribution

In order to understand why molecular gas appears to be of only
very limited importance in determining the star formation rate, it is
useful to look at the thermal state of the gas in the different runs
at the point at which they begin forming stars. This is illustrated in
Fig. 2 for runs B, C, D1 and D2. For comparison, we also show the
temperature distribution of the gas in run A at t = 2.3 Myr (i.e. at
a similar time to the other four runs, albeit roughly 5.6 Myr before

Figure 2. Gas temperature plotted as a function of n, the number density of
hydrogen nuclei, in runs B, C, D1 and D2 (panels 2–5) at a time immediately
prior to the onset of star formation in each of these runs. Note that this
means that each panel corresponds to a slightly different physical time. For
comparison, we also plot the temperature of the gas as a function of density
in run A (panel 1, at the top) at a similar physical time, t = 2.3 Myr, although
in this case, this is long before the cloud begins to form stars.

run A itself begins to form stars). The first point to note is the basic
similarity of the temperature distribution in most of the runs. In runs
B, C, D1 and D2, the temperature decreases from roughly 100 K at n
∼ 10 cm−3 to 10 K at n = 105 cm−3 and to 8 K at n = 106 cm−3. This
corresponds to a relationship between temperature and density that
can be approximated as T ∝ ρ−0.25 at n < 105 cm−3, or a relationship
between pressure and density P ∝ ρ0.75, in good agreement with
the relationship P ∝ ρ0.73 proposed by Larson (1985, 2005). The
fact that the effective equation of state of the gas is significantly
softer than isothermal (i.e. P ∝ ρ) means that the local Jeans mass
decreases rapidly with increasing density within the cloud, a factor
which is known to greatly assist gravitational fragmentation (see
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Summary	
  
•  Observations	
  of	
  molecular	
  lines	
  constrain	
  
– Cloud	
  masses	
  
– Densities	
  
– Temperatures	
  
– Velocity	
  distributions	
  

•  Star-­‐forming	
  gas	
  characterized	
  by:	
  
– Low	
  temperature,	
  so	
  MBE	
  can	
  be	
  small	
  
– Fast	
  cooling,	
  so	
  gravitational	
  contraction	
  cannot	
  
heat	
  gas	
  up	
  to	
  halt	
  collapse	
  

– Strong,	
  supersonic	
  turbulence,	
  because	
  cooling	
  
time	
  <<	
  dynamical	
  time	
  


